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Magnetic fields are ubiquitous in the Universe. The Sun’s magnetic field drives the solar
wind and causes solar flares and other energetic surface phenomena that profoundly affect
space weather here on Earth. The first magnetic field in a star other than the Sun was de-
tected in 1947 in the peculiar A-type star 78 Vir1. It is now known that the magnetic fields
of the Sun and other low-mass stars (. 1.5 solar masses, M) are generated in-situ by a
dynamo process in their turbulent, convective envelopes2. Unlike such stars, intermediate-
mass and high-mass stars (& 1.5 M; referred to as “massive” stars here) have relatively
quiet, radiative envelopes where a solar-like dynamo cannot operate. However, about 10%
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of them, including 78 Vir, have strong, large-scale surface magnetic fields whose origin has
remained a major mystery till today3–5. The massive star τ Sco is a prominent member
of this group and appears to be surprisingly young compared to other presumably co-
eval members of the Upper Scorpius association. Here, we present the first 3D magneto-
hydrodynamical simulations of the coalescence of two massive main-sequence stars and
1D stellar evolution computations of the subsequent evolution of the merger product that
can explain τ Sco’s magnetic field, apparent youth and other observed characteristics. We
argue that field amplification in stellar mergers is a general mechanism to form strongly-
magnetised massive stars. These stars are promising progenitors of those neutron stars
that host the strongest magnetic fields in the Universe3, so-called magnetars, and that
may give rise to some of the enigmatic fast radio bursts6. Strong magnetic fields affect
the explosions of core-collapse supernovae7 and, moreover, those magnetic stars that have
rapidly-rotating cores at the end of their lives might provide the right conditions to power
long-duration gamma-ray bursts8 and super-luminous supernovae9.
It has been suggested that the strong magnetic fields observed in ≈ 10% of massive stars
are inherited from a magnetised molecular cloud from which stars formed10. However, this
mechanism cannot explain why only a rather small fraction of massive stars are magnetic. A
selective process must be at work that gives rise to magnetic fields only in some stars and the
merging of main-sequence (MS) stars and pre-MS stars has been hypothesised as an expla-
nation11,12. The predicted fraction of massive merger products in the Milky Way is of order
10%13,14 and could therefore explain the observed incidence of magnetic massive stars. The
merger hypothesis is further supported by an apparent dearth of magnetic stars in close bina-
ries15,16, which is to be expected if the mergers of close binaries produce some magnetic stars
in the first place. Furthermore, merging can rejuvenate stars such that they appear younger than
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they really are17. Rejuvenated stars are also known as blue stragglers. The aforementioned
magnetic star τ Sco likely belongs to this class, because, with an inferred age of < 5 Myr, it
appears anomalously young compared to other ≈ 11 Myr old members of the Upper Scorpius
association that are all thought to have formed together at about the same time. A merger origin
of τ Sco would naturally explain this discrepancy18.
In the following, we show that τ Sco’s magnetic field and appearance as a blue strag-
gler can indeed be understood as the result of the merger of two massive stars. To this end,
we conduct—for the first time—3D ideal magneto-hydrodynamical (MHD) simulations of the
merger of a 9 Myr old binary consisting of a 9 M and a 8 M core-hydrogen burning star
with the moving-mesh code AREPO 19, which is ideally suited for such simulations (see Meth-
ods). The binary configuration and evolutionary stage are chosen such that the resulting merger
product is expected to have a total mass similar to τ Sco (≈ 17 M) and that the binary could
have formed at the same time with other stars in the Upper Scorpius association. After the
coalescence, we continue the evolution of the merger product in the 1D stellar evolution code
MESA 20 and can thus follow the detailed dynamics of the coalescence and the subsequent ther-
mal and nuclear evolution of the merger product up to the current state of τ Sco and beyond
(see Methods and Extended Data Figs. 1 and 2).
Snapshots of the density, a passive scalar indicating material from the primary star and the
absolute magnetic-field strength of the 3D MHD simulation are shown in Fig. 1. Upon contact
of the binary, a dynamical phase of mass transfer with rates as high as 17 M yr−1 sets in from
the initially 9 M primary star onto the initially 8 M secondary star. Mass is lost through the
outer Lagrangian points, draining angular momentum and thereby accelerating the coalescence.
The accretion stream hits the surface of the secondary star and produces shear. It is in this
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accretion stream of size 0.8 solar radii (R) that the magnetic field is amplified on a e-folding
timescale of about 0.2–1 d (Fig. 1d and 1g). The maximum magnetic-field strength saturates
at about 108 G, which corresponds to an amplification factor of about 106. At saturation, the
magnetic energy is comparable (about 5–30%) to the turbulent energy which is the driving
source of the magnetic-field amplification process. In the final merger, the amplified field is
advected throughout the merger product and is finally also present in the core of the merger
remnant. When the primary star is disrupted around the secondary and the cores of the two stars
merge, vortices form at the interface of the former two cores (Fig. 1e) that further contribute
to the magnetic field amplification process (see also Supplementary Video S1). The maximum
ratio of magnetic to gas pressure reaches 30% in localised regions but is less than 1% in the
phase that leads up to the merger.
The local conditions in the differentially-rotating accretion stream (rotational frequency
of Ω ≈ 10 d−1, Alfvén velocity of ≈ 1 km s−1 and rotational shear q = −d ln Ω/d ln r ≈ 0.4)
indicate that the magneto-rotational instability (MRI)21 is the key agent providing the turbulence
to exponentially amplify the magnetic fields. In the shearing layer, the fastest growing mode of
the MRI has a characteristic size of 0.1 R and growth timescale of 0.5 d22, agreeing well with
the size of the accretion stream and the observed growth timescale of the magnetic fields in our
merger simulation.
Because of the large amount of angular momentum in the binary progenitor, a torus
of about 3 M forms that surrounds the central, spherically symmetric 14 M core of the
merger product (Fig. 1a¸nd l). The central merger remnant is in solid-body rotation while the
centrifugally-supported torus rotates at sub-Keplerian velocities. The innermost core of the
merger remnant consists of material from the former secondary star while the torus is domi-
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nated by core material of the former primary star (Fig. 1f). The layers in between are a mixture
of both progenitor stars.
We continue the 3D MHD simulation for 10 d after the actual merger, that is about 5 d
after the merger remnant has settled into its final core-torus structure. This corresponds to
roughly 5 Alfvén crossing timescales through the 14 M core and we do not observe significant
changes in the magnetic field structure and strength. The ratio of toroidal to total magnetic field
energy is 80–85% which is in a regime where magnetic-field configurations are thought to be
stable in stellar interiors23. Because of the high conductivity of stellar plasmas, Ohmic decay of
the field might only occur on a timescale similar to or even longer than the stellar lifetime (see
Supplementary Information). We therefore expect the magnetic field to be long-lived.
The torus is expected to be accreted onto the central merger remnant on a timescale set by
turbulent viscosity, that is within 0.02–0.1 yr. Compared to this, cooling is slow (100–1000 yr)
such that most of the torus will transform into an extended envelope rather than a thin disk. For
the long-term evolution of the merger remnant we therefore assume that most mass, namely
16.9 M, ends up in the merger product and only less than 0.1 M remains in a thin disk that
carries most of the angular momentum (see Methods and Extended Data Fig. 1).
Under these assumptions, we follow the evolution of the merger product with the MESA
stellar evolution code. As suggested by the 3D MHD simulations, we assume the formed rem-
nant to rotate rigidly at a rate close to break-up. The magnetic flux at the end of our 3D simula-
tion at a mass coordinate of 16.9 M is 3.5× 1027 G cm2 (radius of 54 R and magnetic field of
80 G) such that the surface magnetic-field strength of the merger remnant on the main sequence
would be 9 kG for a radius of about 5 R. This is well within observed surface field strengths of
magnetic stars3–5. Because it is impossible to follow the evolution of an inherently 3D magnetic
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field in a 1D stellar evolution code, we assume that the radial magnetic-field strength in our 1D
model follows that of a magnetic dipole. It contributes to internal angular-momentum trans-
port and additional angular-momentum loss from the surface through a magnetised stellar wind
(magnetic braking) but has otherwise no influence on the structure and evolution (see Methods
for more details).
Because of the coalescence, the stellar interior is heated and the star is out of thermal
equilibrium. A thermal relaxation phase sets in and, within 1–2 yr, the star reaches a maximum
radius of ≈ 200 R and a maximum luminosity of logL/L ≈ 5.4. After that, it contracts for
a few 1000 yr towards the main-sequence from where on it continues its evolution close to that
of a genuine single star of initially 16.9 M (Fig. 2).
During the thermal expansion, the star reaches critical rotation at the surface, leading to
additional mass and angular-momentum loss. Less than 0.01 M are lost, taking away roughly
7% of the star’s total angular momentum. The magnetic fields keep the star close to solid-body
rotation such that the stellar surface rotational velocity vrot evolves according to
vrot =
J
r2gMR∗
∝ (r2gR∗)−1 . (1)
Here, J is the total angular momentum of the star, M the mass, R∗ the radius and rg the ra-
dius of gyration. During the subsequent contraction phase (radius decrease by a factor of ≈ 4),
the surface spins down by a factor of ≈ 5 from critical rotation to ≈ 50 km s−1 (≈10% of crit-
ical rotation; see also Supplementary Information). The spin-down is not driven by angular-
momentum loss but by an internal restructuring of the star that increases r2g by a factor of ≈ 20
and thus fully explains the spin-down (Eq. 1). In this case, magnetic braking is unimportant
because the assumed surface magnetic field is weak (< 10 G). The spin of the merger product
on the main-sequence is thus set by the angular momentum that remains in the merger after
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the viscous accretion of the torus and the corresponding outward angular-momentum transport.
However, the details of the viscous evolution of the torus and, in particular, the importance of
magnetic braking, which depends on the evolution of the magnetic field after the merger, are
currently uncertain.
Once back in thermal equilibrium, the merger product is a slow rotator with effective
temperature, luminosity and surface gravity in excellent agreement with τ Sco (Table 1 and
Fig. 2), despite the fact that we have not fine-tuned the merger model (e.g. by varying the
initial mass and evolutionary state of the progenitor stars). Consequently, our merger product
will also look like a rejuvenated blue straggler compared to other, apparently older stars in the
Upper Scorpius association mainly because of the shorter lifetime associated with the now more
massive star. τ Sco is enriched in nitrogen on the surface, which is currently not reproduced by
our model. However, on average, the envelope of our merger model is nitrogen-rich because it
is made out of core material of the former primary star (Fig. 1f). These enriched layers could
easily be exposed by additional mass-loss or could be mixed to the stellar surface. For example,
we have not considered mixing induced by the magnetic fields or during the viscous evolution of
the torus. In conclusion, our merger scenario is able to explain the magnetic nature, atmospheric
parameters, slow rotation and blue-straggler status of τ Sco.
Strong amplification of magnetic fields is also observed in the coalescence of white dwarfs
leading up to Type Ia supernovae24, the merger of neutron stars producing gravitational waves
and short-duration gamma-ray bursts25, and the common-envelope phase of a star spiralling
into the envelope of a giant companion26. Together with our simulations, it therefore seems that
such dynamic and turbulent phases in the lives of stars provide the right conditions to produce
strong magnetic fields. Consequently, also the coalescence of other main-sequence stars and
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stars in different evolutionary phases (e.g. pre-MS) are expected to generate strong magnetic
fields and therefore makes merging a plausible way to explain magnetic massive stars.
The magnetic flux in the innermost 1.5 M of our merger model at the end of the 3D sim-
ulation is about 4 × 1028 G cm2 (radius of about 0.5 R and magnetic-field strength of 107 G).
If all of the magnetic flux is conserved until core collapse of the merger product, a resulting
neutron star of 10 km radius would have a surface magnetic-field strength of about 1016 G.
Hence, our model appears to be able to explain the strong magnetic fields inferred for magne-
tars (1013–1015 G)27. The birthrate of magnetars in our Galaxy of about 0.3 per century28 and
the rate of Galactic core-collapse supernovae of about 2 per century29 suggest that 15% of all
Galactic core-collapse supernovae have produced a magnetar, which is consistent with the 10%
incidence of magnetic massive stars. Taken together, this makes our merger model a promising
way to explain the strong magnetic fields observed in a subset of massive stars and also the
origin of magnetars.
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Figure 1: Evolution of density, magnetic-field strength and a passive scalar in the sim-
ulation of a merger of two main-sequence stars. Panels a–c show density snapshots in the
orbital plane while panels j–l are edge-on views of the density. The passive scalar (white colour;
panels d–f) indicates material from the 9 M primary and thus visualises the mixing of the two
progenitor stars during the merger. The passive scalar and the magnetic-field strengths (panels
g–i) are shown in the orbital plane. The times given in each panel are relative to the time when
the cores of the two star coalesce (middle panels b, e, h, and k).
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Figure 2: Long-term evolution of the merger product in the Hertzsprung–Russell dia-
gram. After most of the torus is accreted, the merger remnant rotates rapidly and a thermal
relaxation phase sets in during which the star first expands before it contracts back to the main-
sequence (gray line). The direction of evolution is indicated by the black arrow at the beginning
of this phase. The colour-coding shows the surface rotational velocity, vrot, in terms of the
critical Keplerian velocity, vcrit. Once on the main-sequence, the merger product continues its
evolution similar to that of a genuine single star of the same mass of 16.9 M (orange line). The
hatched box indicates observations of τ Sco (Teff = 31, 000–33, 000 K, logL/L= 4.3–4.5; see
Table 1). The small cartoons are artist’s impressions of key evolutionary phases: (1) the contact
phase before the actual merger, (2) the merger product with its torus, (3) during the thermal
relaxation as a critically rotating star shedding mass, (4) as a main-sequence star with a strong
surface magnetic field and (5) after the terminal supernova explosion that may form a magnetar.
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Table 1: Comparison of effective temperature (Teff), luminosity (logL/L) and surface
gravity (log g) of the merger product after thermal relaxation with observations of τ Sco.
Teff/K logL/L log g/cm s−2
Merger model ≈ 32500 ≈ 4.50 ≈ 4.17
Mokiem et al. 200530 31900+500−800 4.39± 0.09 4.15+0.09−0.14
Simón-Díaz et al. 200631 32000± 1000 4.47± 0.13 4.00± 0.10
Nieva and Przybilla 201432 32000± 300 4.33± 0.05 4.33± 0.06
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Methods
3D MHD merger simulations
AREPO’s MHD solver The AREPO code uses a second-order finite-volume method to solve
the ideal MHD equations on an unstructured grid19,33,34. The grid is generated in each timestep
from a set of mesh-generating points that are allowed to move along with the flow, thus ensuring
a nearly Lagrangian behaviour while regularising the mesh by adding an additional term. The
fluxes over the cell boundaries are computed using the HLLD solver and the divergence of the
magnetic field is effectively controlled employing the Powell scheme35, as shown in refs. 33,34.
We use ideal MHD here because the resistivity is very small in the highly conducting plasma of
stellar interiors (see also Supplementary Information).
Initialisation of the binary progenitor The binary progenitors have an initial helium mass
fraction of Y = 0.2703 and solar metallicity Z = 0.014236. The stellar structures are imported
from 1D MESA 20,37–39 models (version 9793) that employ exponential convective-core over-
shooting with a parameter of fov = 0.019, which effectively corresponds to a step convective-
core overshooting of about 0.16 pressure scale heights.
Mapping the 1D stellar structures into a 3D hydrodynamics code leads to discretisation
errors in the hydrostatic equilibrium; thus, relaxation methods40 are employed to create stable
stellar models. The 1D stellar models from MESA are mapped onto an unstructured grid con-
sisting of HEALPix distributions on spherical shells41. These models are relaxed in AREPO
with a damping scheme to remove spurious velocities due to discretisation errors. Both stellar
models have been processed this way and the resulting stars are stable according to the criteria
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discussed in ref. 40. The initial seed magnetic field was set up in a dipole configuration with a
polar surface field strength of 1 G.
The relaxed single-star models are subsequently used to set up the binary star merger.
Although one would like to follow the merger beginning from Roche-lobe overflow until the
actual merger, this process takes too long for the simulation to be computationally feasible.
Hence, we speed up the merging process by artificially decelerating each cell for a certain time
(about 1.5 orbits) and starting the actual calculation from there. The duration of this deceleration
phase influences the outcome of the merger only marginally (see Supplementary Information).
1D long-term evolution of the merger product
The 3D MHD merger simulations have produced strong magnetic fields that are relevant for the
further evolution of the merger product. Although the generated magnetic fields are too weak
to directly affect the stellar structure, they can contribute to the angular-momentum transport
through the stellar interior and may lead to additional angular-momentum loss from the stellar
surface through magnetised winds (magnetic braking). In this way, the magnetic fields influ-
ence the evolution of the star. In the following, we describe the assumed magnetic field structure
in our 1D stellar evolution models, and our implementation of the interior angular-momentum
transport through the magnetic fields and magnetic braking. We then explain how our 1D mod-
els are set-up based on the outcome of the 3D MHD simulations. For the 1D computations, we
use the MESA stellar evolution code in version 979320,37–39.
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Assumed large-scale magnetic field in 1D computations As mentioned in the main text, it
is not possible to follow the evolution of a 3D magnetic field in a 1D stellar evolution code.
Moreover, the final configuration of the magnetic field after the accretion of the torus is still
uncertain. Hence, we assume that the radial magnetic-field strength in our 1D model follows
that of a magnetic dipole, B(r) = µBr−3, with dipole moment µB = 2 × 1037 G cm3. This
assumption is conservative in the sense that it results in a surface magnetic field of the merger
product on the main-sequence of a few hundred Gauss which is lower than that expected from
magnetic flux freezing of our 3D model. Using larger or smaller magnetic-dipole moments does
not affect our conclusions.
For a dipole magnetic field, the ratio of the field strength at the pole (Bp) and the equator
(Beq) is Bp/Beq = 2. The dipole field diverges for r → 0 and we therefore cap its field strength
to 109 G. In our models, the applied magnetic dipole moment is reminiscent of that of τ Sco,
i.e. a polar field strength of ≈ 500 G for a ≈ 5 R star42.
We further assume that the magnetic field is expelled from convective regions if the con-
vective energy density uconv is larger than the magnetic energy density uB, i.e. if
uconv =
1
2
ρv2conv > uB =
B2
8pi
. (2)
Here, ρ is the gas density and vconv the velocity of convective eddies as predicted by mixing-
length theory. This treatment of the static magnetic field means that it only contributes to the
angular-momentum transport in radiative regions and does not provide an efficient coupling of
the convective core and radiative envelope in our models.
Angular-momentum transport in the stellar interior through a large-scale magnetic field
We treat the transport of angular momentum through the stellar interior as a diffusive process.
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Magnetic fields cause Maxwell stresses and can thus transport angular momentum. To obtain
the effective diffusion coefficient of this process (which we call effective viscosity νeff), we
consider differentially-rotating, spherical shells and assume that the stresses due to magnetic
fields are effectively similar to the classical Newtonian dynamic shear S,
S =
dF
dA
= νeffρ
∂v
∂r
, (3)
where dF is the force exerted by the shear on an area dA and ∂v/∂r the radial gradient of
the velocity v. In spherical coordinates (r, ϕ, θ), the torque dτ on a surface element dA =
r2 sin θ dϕ dθ due to a shear force dF is given by
dτ = r sin θ dF = r sin θ νeffρ
∂v
∂r
dA. (4)
Introducing the angular velocity Ω (v = r sin θΩ), we have ∂v/∂Ω = r sin θ and thus ∂v/∂r =
r sin θ∂Ω/∂r. Integrating Eq. 4 over ϕ and θ, we obtain the overall torque on a shell at radius r
as
τ =
8pi
3
νeffr
4ρ
∂Ω
∂r
. (5)
From a physical point of view, the shear exerted by magnetic fields will reduce differential rota-
tion and attempts to establish solid-body rotation, i.e. ∂Ω/∂r = 0. The amount of angular mo-
mentum ∆J that needs to be transported to achieve solid-body rotation in neighbouring, differ-
entially rotating shells is ∆J = I∆Ω, where I is the moment of inertia. The angular-momentum
transport across a shell of thickness ∆r occurs with an Alfvén velocity vA = B/
√
4piρ, i.e. on
an Alfvén timescale of τA = ∆r/vA, such that
dJ
dt
≈ ∆J
τA
=
I (∂Ω/∂r) ∆r
τA
= I
(
∂Ω
∂r
)
vA. (6)
Equating Eq. (6) and Eq. (5), we find the desired effective viscosity for angular-momentum
transport in differentially rotating shells because of a large-scale magnetic field,
νeff =
3I
8pir4ρ
vA. (7)
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The moment of inertia of a single shell in a stellar evolution model depends on the spatial
discretisation. To make the effective diffusion coefficient resolution-independent, we define
‘shells’ to have a thickness of 20% of the local pressure scale height HP.
For thin shells of mass ∆m, the moment of inertia is I = 2/3∆mr2. The effective
magnetic viscosity from Eq. (7) is then approximately νeff = ∆rvA with ∆r = 0.2HP for our
definition of a ‘shell’. This is similar to the general form of a diffusion coefficient,D ∝ lv, for a
diffusion process over a length scale l with characteristic velocity v. We modulate the effective
viscosity with a factor fA that is thought to adjust the timescale over which solid-body rotation
is achieved in neighbouring shells. We set fA = 0.5 in our calculations and note that small
variations in fA hardly change our results. Taken together with our choice of fA, the effective
magnetic viscosity is equivalent to νeff ≈ 0.1HPvA.
In the above analysis, we have not made explicit assumptions on the magnetic-field geom-
etry, but it will of course matter in reality. For example, if there is no radial B-field component,
the Maxwell stress is zero such that there is no angular-momentum transport in the radial direc-
tion through the magnetic field. In our approach, the field geometry enters indirectly through the
Alfvén velocity which depends on the absolute magnetic-field strength that itself is a function
of radius r. Furthermore, we made the assumptions that the magnetic field is able to establish
solid-body rotation in neighbouring shells and that the stresses are similar to classical dynamic
shear stresses.
Magnetic braking Stellar winds can couple to large-scale magnetic fields and thereby en-
hance the loss of angular momentum, a process called magnetic braking. In a simple explana-
tion one can imagine that the magnetic field establishes solid-body rotation in the out-flowing
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wind with the stellar surface out to the Alfvén radius, RA. In this way, the wind takes away
the specific angular momentum from the Alfvén radius instead of the stellar surface. To be
more precise, the angular-momentum loss from the stellar surface because of magnetic braking,
dJmb, is due to Poynting stresses caused by bent magnetic-field lines43 such that the resulting
torque is
dJmb
dt
=
2
3
M˙Ω∗R2A. (8)
In this equation, M˙ is the stellar wind mass loss rate, Ω∗ is the stellar surface angular velocity
and the factor 2/3 accounts for the momentum of inertia of thin spherical shells.
In MHD simulations of magnetic braking of hot, massive stars, the Alfvén radius in Eq. 8
is found to be
RA
R∗
≈ 0.29 + (η∗ + 0.25)1/4 (9)
with R∗ the stellar radius, η∗ the wind magnetic confinement parameter,
η∗ =
B2eqR
2
∗
M˙v∞
, (10)
Beq the equatorial, surface magnetic-field strength and v∞ the terminal wind velocity43.
For the terminal wind velocity, we use the observational results for O to F stars44,
v∞
vesc
=

0.7 for log Teff ≤ 4.0,
1.3 for 4.0 < log Teff ≤ 4.32,
2.6 for 4.32 < log Teff .
(11)
Here, the escape velocity is defined as
vesc =
√
2GM(1− Γes)
R∗
(12)
with Γes the electron-scattering Eddington factor and M the stellar mass.
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From a technical point of view, stellar winds in stellar evolution codes take away the spe-
cific angular momentum of their former Lagrangian mass shells. In our models, the additional
angular momentum lost through magnetic braking is then taken away from a thin surface layer
after the mass shells that are lost in the wind have been removed.
Import of the merger remnant into a 1D stellar evolution code Right after the merger,
the evolution is mainly driven by that of the torus and its interplay with the central star. Two
timescales are most relevant: the accretion and cooling timescales (τacc and τcool, respectively).
The accretion timescale sets the time over which the torus is accreted by the central remnant
while the cooling timescale describes the time over which the torus loses the heat produced by
the accretion.
Matter in the rotationally-supported torus can only be accreted onto the central star if
its angular momentum is transported outwards; hence, the accretion timescale is given by the
angular-momentum transport timescale. We assume that the matter and angular momentum flow
in the torus can be described by an α-disk model with an effective viscosity† α that, for example,
might be provided by the magnetic fields or the magneto-rotational instability21. Using the mass
accretion rate for such a disk model,
M˙acc ≈ 3α
(
h
r
)2
ΩMdisk, (13)
the accretion timescale of the torus is
τacc =
Mdisk
M˙acc
=
1
3
r2
αh2Ω
= 0.02 yr
(
10−2
α
)(
r/h
2
)2(
h−1
Ω
)
. (14)
†Here and throughout, the word “viscous” is used in the phenomenological sense of an effective viscosity which
acts on large scales due the presence of an enhanced turbulent transport. It should not be confused with the true
microscopic particle viscosity, which is negligible for the problems of interest here.
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Here, h/r is the ratio of disk height and radius, Mdisk the mass in the disk and Ω the angular
velocity of the disk which generally depends on radius. In our case, the accretion timescale is
equivalent to the viscous timescale τvisc.
Mass accretion leads to (turbulent) heating through the release of gravitational potential
energy, Egrav. On the one hand, if this energy can be lost efficiently from the system via fast
cooling (τcool  τacc), the torus becomes thinner or at least keeps its shape. On the other hand,
if the cooling is inefficient (τcool  τacc), the torus becomes thicker and evolves into a thermally
supported extended envelope. Assuming that the star-torus structure radiates at a fraction fEdd
of its Eddington luminosity, LEdd, and that photon cooling is the dominant cooling process, the
cooling timescale can be approximated as
τcool =
Egrav
fEddLEdd
=
1
fEdd
GMcoreMdisk/Rcore
4piG(Mcore +Mdisk)c/κ
≈ 0.8× 103 yr
(
1
fEdd
)(
1 +X
1.7
)(
McoreMdisk/M
Mcore +Mdisk
)(
R
Rcore
)
, (15)
where Mcore and Rcore are the mass and radius of the central star, and κ is the opacity. In
the last step, we assumed that the opacity is dominated by electron scattering, i.e. κ = 0.2(1 +
X) cm2 g−1 with the hydrogen mass fractionX . Even for fEdd = 1, the cooling time in our case
is of order 500–700 yr (Mcore = 14 M, Mdisk = 3 M, Rcore = 3–4 R) and thus significantly
longer than the accretion timescale in Eq. (14). The expectation therefore is that the torus is
rapidly accreted onto the central star and evolves into a thermally supported, extended envelope
before its thermal relaxation and cooling process sets in.
These arguments are analogous to previous work on the merger remnant of two white
dwarfs45. More detailed simulations of the viscous evolution of this double white-dwarf merger
remnant46 support the (analytic) expectations45 and indeed show a rapid transformation of the
torus into a thermally supported envelope. Given the similarity of the physical situation and the
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accretion and cooling timescales in our case, it therefore seems reasonable that large fractions
of our torus will also evolve into a thermally supported envelope on a viscous timescale.
The accretion and cooling timescales (Eqs. 14 and 15) depend on radius through the
radially-declining angular velocity Ω of the torus and the radius Rcore at which matter is ac-
creted onto the central star. At a radius of about 54 R, both timescales are comparable such
that cooling is inefficient inside and efficient further out (Extended Data Fig. 1). In our standard
model, we therefore assume that the mass interior of 54 R, i.e. the innermost 16.9 M, trans-
form into a star with an extended envelope on a viscous timescale. The remaining outer part
of the torus is assumed to cool efficiently and evolve into a thin disk. This configuration then
forms the initial condition of our 1D stellar evolution computations.
In order to import the outcome of the 3D simulation into the 1D stellar evolution code
MESA, we model a star that has the same chemical and thermal structure as the 3D merger rem-
nant. We first relax a star of given total mass to the chemical structure of the 3D merger remnant
before imposing the thermal structure by matching the 3D entropy profile. A comparison of the
chemical and entropy structure of the 1D 16.9 M merger remnant with the 3D profiles is shown
in Extended Data Fig. 2. Our 1D model closely matches the structure of the merger remnant of
the 3D simulation.
Setting the rotational profile of the merger remnant requires further consideration. We
argued above that the fast viscous evolution of the star-torus structure converts most of the
torus into an extended envelope by transporting angular momentum outwards. This angular-
momentum transport sets the initial conditions for our 1D merger evolution. In the viscous
evolution of the remnant of a double white-dwarf merger, efficient outward angular-momentum
transport is found such that the rotational profile of the central star remains a solid-body rotator
20
and smoothly transitions into a near-Keplerian profile at the boundary between the central star
and outer disk46. The same evolution and outcome is found by other authors who studied the
aftermath of double white dwarf mergers within a prescribed viscosity model but also within
more self-consistent MHD simulations45,47. In all cases, a significant fraction of angular mo-
mentum is transported outwards allowing for the rapid accretion of a large fraction of the mass
of the torus.
Also our 3D merger simulation shows that the central star reaches a state of solid-body
rotation with the angular velocity matching that of the layer between star and torus, which
is approximately 80% of the Keplerian value. The surface of the central star does not reach
100% Keplerian rotation because the torus is not only centrifugally supported but also thermally
supported. Following these ideas, we assume that our merger remnant is a solid-body rotator
that rotates at 90% of the critical Keplerian velocity at the surface after the viscous evolution.
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Supplementary Text
Here, we provide more details on a resolution and initial-condition study of the 3D MHD sim-
ulations (Sect. S1), the magnetic-field saturation (Sect. S2), the Ohmic dissipation of magnetic
fields (Sect. S3), the internal restructuring of the merger model during the thermal relaxation
that leads to its spin-down (Sect. S4) and a movie to assist the understanding of the magnetic-
field amplification process in the merger (Sect. S5).
S1 Resolution study and initial conditions
We ran simulations for different resolutions and initial binary setups to ensure that the ampli-
fication of the magnetic field is robust against variations of these parameters. The evolution of
the total magnetic field energy over time is shown in Fig. S1. The standard run shown in the
main text is Model 1. The evolution of the magnetic energy is slightly different for the different
configurations but the overall behaviour and the final energy are very similar. Model 2 tests a
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Supplementary Figure S1: Evolution of total magnetic field energy for different simu-
lation setups. Model 1 is the standard run shown in the main text. Models 2 and 3 have a
lower resolution. Model 3 started with a larger initial separation. The times for all models are
normalized with the time of merger set to 0.
lower resolution for otherwise identical initial conditions. Model 3 was started at an earlier time
with a larger initial separation. The resolution was set up with roughly 4×106 cells for Model 1
and about 4× 105 cells for the other models.
S2 Magnetic-field saturation
The magnetic field amplification switches off if the necessary conditions of that physical mech-
anism that drives the amplification process are no longer met. In case of the magneto-rotational
instability (MRI)21, this could be the case if the magnetic field becomes so strong that the fastest
growing mode exceeds the spatial region of interest (e.g. it becomes larger than the star), if the
amplification timescale becomes excessively long or if there is no longer differential rotation.
Such a situation may go along with an equipartition of the magnetic energy and that energy
source (e.g. differential or turbulent energy) that drives the magnetic-field amplification.
In our models, the initially fast, exponential magnetic-field amplification is consistent with
being driven by the MRI. After the merger, the central star is in solid-body rotation such that the
MRI cannot operate in this part any more. In the torus, however, the MRI is still active and the
magnetic-field strength is indeed found to increase until the end of the simulation. The fastest
growing MRI mode always fits into the central merger remnant and the MRI amplification
timescale stays short compared to the runtime of our simulation.
Using the kinetic energy in radial and z directions as proxy for the turbulent energy that
is generally thought to drive the magnetic-field amplification, we find that the magnetic energy
reaches a level of about 5%–30% of the kinetic energy in our models (Fig. S2). This supports
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Supplementary Figure S2: Ratio of magnetic and radial, kinetic (i.e. turbulent) energy in
our 3D MHD simulations. The magnetic energies, Eb, of our models approach equipartition
with the turbulent energy, for which we use the kinetic energy of motions in radial and z direc-
tions, Ekin,r,z, as proxy. The small inset shows the ratio of magnetic and kinetic energy on a
linear scale and shows that our models reach values of about 5%–30%. The dashed horizontal
line indicates equipartition of magnetic and kinetic energy. The small, periodic wiggles in the
curves before coalescence are due to the orbital motion of the binary.
the idea that the magnetic-field amplification ceases when approaching equipartition with the
turbulent energy in the merger remnant.
S3 Ohmic dissipation of magnetic fields
Stable magnetic fields can diffuse out of the stellar interior by Ohmic resistivity and thereby
dissipate23. However, because the hot stellar interior is highly conducting, the resistivity is low
and the dissipation of magnetic fields operates on a timescale that is longer or similar to the
stellar lifetime. Indeed, for Spitzer’s resistivity48,
η = 7× 1011 ln Λ
(
T
K
)−3/2
cm2 s−1 (S.16)
with T the temperature and ln Λ the Coulomb logarithm, which is of order 10 for stellar interi-
ors, the diffusion timescale of magnetic fields is
τdiff = R
2/η ≈ 108–1011 yr (S.17)
for temperatures of 105–107 K and a length scale of R = 1 R. These estimates depend on the
still uncertain resistivity in stellar interiors but it appears that Ohmic dissipation of the amplified
3
magnetic fields does not play a role in our case because the lifetime of the merger product is
rather of order 107 yr. It might however be relevant for some evolved stars23.
S4 Restructuring of the stellar interior during the thermal
relaxation phase after the merger
During the thermal relaxation, the merger product first approaches critical surface rotation be-
fore the model spins down rapidly (see Fig. 2 in the main text and Fig. S3). As described in the
main text, this spin-down is not driven by angular momentum loss from the star but rather by
internal readjustments that change the radius of gyration and thereby the surface rotational ve-
locity. Right after the merger, the core of the merger is hotter and denser than in full equilibrium
and the deposited energy from the merger bloats the star leading to the fast thermal expansion
of the envelope. At the same time when the envelope contracts, the core expands (Fig. S3).
The internal magnetic field keeps the star close to solid-body rotation such that the total
angular momentum J of the star is J = r2gMR
2
∗Ω∗ with rg the radius of gyration, M the stellar
mass, R∗ the stellar radius and Ω∗ the angular velocity. For constant angular momentum J and
mass M , the surface rotational velocity evolves according to vrot∝ (r2gR∗)−1 (see Eq. 1). In
the contraction phase when the star spins down (about 102–104 yr after the merger), the radius
decreases by a factor of 4 while r2g increases by a factor of 20, fully explaining the observed
spin-down of the merger product by a factor of about 5 (Fig. S3).
S5 Movie of the magnetic-field amplification in the merger
Supplementary Video S1 illustrates the evolution of the magnetic-field strength from the onset
of the merger until the end of the computation.
Supplementary Video S1: Magnetic field in the orbital plane. Similar to Fig. 1g–i, in this
movie the evolution of the absolute magnetic-field strength is colour-coded while the geome-
try of the magnetic field is visualised using line-integral convolution. This illustrates that the
magnetic field is initially amplified locally before it organises itself on larger scales.
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Supplementary Figure S3: Rotational velocity and internal mass readjustment of the 1D
merger model. (a) Equatorial surface rotational velocity vrot (blue solid line) and rotational
velocity in terms of critical Keplerian velocity vcrit (red dashed line) as a function of time after
the merger. (b) Radial location of various mass coordinates in steps of 5% of the total mass (see
labels; black dotted and dashed lines) and square of the radius of gyration r2g (blue solid line) as
a function of time. The black solid line indicates the stellar surface.
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